Recent three-dimensional numerical simulations have shown that a filamentary structure is one of the most prominent features in the structure formation of the early universe. Fragmentation of the filamentary clouds is expected to lead to the formation of first generation stars. In this context, we have studied the gravitational collapse and fragmentation of filamentary clouds with axisymmetric hydrodynamic simulations coupled with non-equilibrium chemistry of H 2 and HD. In this paper, we review our recent results and show some supplemental numerical results. Special attention is paid to the dynamical stability of the filamentary clouds and the role of HD cooling which becomes more dominant than H 2 cooling in some intergalactic environments. Our simulations suggest that the first generation stars are deficient in sub-solar mass stars. According to these simulations, a typical mass of low-mass first stars should be of order of 1M , and a typical mass of massive first stars should be around 10 2 M or 10M , depending on the H 2 fractional abundance, which determines the efficiency of HD cooling. We predict that the stellar IMF is bimodal with two peaks at 1 − 2M and 10 2 M or 10M . §1. Introduction
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Big bang nucleosynthesis calculations predict that primordial gas was essentially metal-free, whereas observations of quasar absorption spectra show that the intergalactic medium at redshift z ∼ 5 has a substantial amount of heavy elements, 1), 2) which should be synthesized in massive stars that have evolved into supernovae within the first billion years after the big bang. 3), 4) The existence of such first generation stars, so-called Population III stars, has been also postulated as a source responsible for metal overabundances observed in Population II stars in our galaxy (the so-called G-dwarf problem). In addition to the metal pollution problem, Population III stars are believed to be the cause of many cosmological events, such as cosmic reionization, formation of supermassive black holes, and formation of galaxies. 5)- 8) In all of these events, the initial mass spectrum of first generation stars plays an important role.
The formation process of the first generation stars is thought to be very different from present-day star formation in some respects. For example, the thermal properties of the primordial gas are very different from those of the present-day interstellar medium, because of the deficiency of heavy elements and dust grains, which provide the most efficient heating and cooling processes in present-day interstellar clouds. In primordial environments, radiative cooling through primordial molecules, such as H 2 and HD, plays a crucial role in the thermal evolution of the clouds, and the resultant gas temperature reduces to 10 2 K, which is an order of magnitude higher than those of present-day interstellar clouds. The dynamical properties of primordial clouds would also be very different, because of the lack of supersonic turbulent motion and interstellar magnetic fields that control the dynamics of present-day interstellar clouds. Many authors have investigated Population III star formation over three decades. 4), 9)-13), 15)-20), 22)-25), 28)-33) However, despite extensive studies, even typical masses of Population III stars are not established. Some people have suggested that the first stars had small masses, whereas others have suggested that they had large masses. Recent studies based on numerical simulations have concluded that the first stars were very massive, 10 2 − 10 3 M . 16), 17), 24) However, the abundance patterns of extremely metal-deficient stars in our galaxy seem to be consistent with the stellar nucleosynthesis calculations for zero-metal stars of masses ∼ 10 M . 34)- 37) The recent discovery of an extremely metal-deficient star with mass of 0.8 M and [Fe/H]∼ −5.3 reveals that at least some of the first generation stars were of low mass. 27) In this paper, to shed light on this issue, we summarize our recent study based on numerical simulations 23)- 25) and point out some implications for the IMF of first generation stars.
Fragmentation of primordial gas clouds is believed to lead to the formation of Population III stars. In fact, recent three-dimensional numerical simulations based on hierarchical scenarios, like cold dark matter (CDM) models, have shown that the primordial clouds collapsing around z ∼ 10 − 10 2 and having masses of 10 5 − 10 8 M cool rapidly through H 2 cooling and fragment into smaller scale cores, where the first star formation progresses. Because of the asymptotic scale invariance of the CDM density fluctuations, the collapse of the primordial gas clouds with this mass range depends on the initial cloud mass. Small mass clouds of masses ∼ 10 6 M , which are comparable to the Jeans masses at the collapse epochs, undergo runaway collapse without further fragmentation, and form single dense cores with mass ∼ 10 2 M at the intersections of large-scale filamentary structures. 15), 16) According to the numerical simulations, only one or a few stars are likely to be formed out of such a core. On the other hand, more massive clouds collapse to form mini-pancakes, fragmenting into denser filaments, which then break up into smaller cores with masses ∼ 10 2 − 10 3 M . 17), 50) In this case, stellar clusters of Population III may be formed and evolve into the first luminous objects. 8), 39) One of the most prominent features of these simulations is the formation of filamentary clouds and their fragmentation into smaller cores, from which the first generation stars are expected to form. In this context, we have studied the evolution of the filamentary primordial clouds to clarify the physics of this fragmentation.
One of the key physical processes controlling the cloud evolution is the cooling process. In the primordial gas, cooling by H 2 and HD molecules plays a crucial role in the thermal evolution of the clouds with low temperatures, because they are the first and second most abundant molecules, respectively. (Other primordial molecules such as LiH play no significant role in the thermal evolution of the primordial gas because of their lower fractional abundances.) In particular, it is essential to determine which molecule controls the thermal evolution, because their different transition temperatures lead to different Jeans masses in the clouds and, accordingly, different stellar masses. In §2, we address this problem and show that there is a threshold H 2 abundance, beyond which HD cooling controls the cloud evolution. We model the primordial filament as an axisymmetric cylindrical cloud and follow the collapse and fragmentation of the cloud with one-dimensional and two-dimensional hydrodynamical simulations coupled with non-equilibrium primordial chemistry. In §3, we summarize the numerical results and discuss the dynamical stability of the primordial filament, which is another key property in determining the cloud evolution. We show that the evolution of the filaments can be classified into three types, as determined mainly by the initial density and the initial H 2 abundance. Finally, we apply our numerical results to formation of first generation stars and discuss the typical masses and the mass spectrum of the first generation stars in §4. §2. Comparison between H 2 and HD cooling In primordial gas, the cooling by H 2 and HD molecules plays an important role in the thermal evolution. In this section, we focus on the role of HD cooling. (See Chapter 1 of this volume for discussion of the importance of H 2 cooling.) As shown in this section, the HD cooling is dominant over the H 2 cooling in some circumstances. In the following, we mainly consider (1) how HD cooling changes the thermal properties of the primordial gas, (2) the formation processes of the HD molecules in the primordial gas, and (3) the condition to determine the efficiency of HD cooling.
H 2 vs HD cooling
The duterated hydrogen molecule (HD) is thought to be the second most abundant primordial molecule. 42)-45), 48) Although HD is less abundant than H 2 in the early universe, it can cool be more efficient coolant than H 2 because of its finite dipole moment of µ HD = 8.3 × 10 −1 debye (accordingly much higher transition probabilities). Because H 2 is homonuclear (and thus has no dipole moment), its rotational transitions are of quadrupole order, and thus very small. For example, in our previous simulations, 25) it was found that the HD abundance reaches 10 −2 − 10 −4 times the H 2 abundance (see also Fig. 2 ). On the other hand, the probability of the lowest rotational transition is A 20 = 3 × 10 −11 s −1 and A 10 = 5 × 10 −8 s −1 for H 2 and HD, respectively. Thus, the lower fractional abundance of HD can be compensated for by its higher transition probabilities. The energy difference for the lowest transition is ∆E 20 /k = 510 K and ∆E 20 /k = 128 K for H 2 and HD, respectively, where k is the Boltzman constant. This lower transition energy enables HD to reduce the gas Cooling rate (erg s temperature to T 100 K. Accordingly, the Jeans mass (which is proportional to T 3/2 ) can be reduced significantly.
In Fig. 1(a) , we show the dependence of H 2 and HD cooling rates on temperature for two different fixed densities. Here, the HD fractional abundance is set to x HD = 10 −3 x H 2 . (In the next section, we show that this proportionality is not so bad for the contraction of the primordial filaments.) The shoulders appearing in the H 2 cooling for T 10 3 K are due to the vibrational transitions, whose lowest transition energy is equal to ∆E 10 /k = 5860 K. The H 2 cooling rates have steep drops at temperatures T 200 K, below which most of the H 2 molecules are in the ground state. HD cooling is more efficient for T 300 K and T 100 K for n H = 10 6 cm −3 and n H = 1 cm −3 , respectively [see also Fig. 1(b) ]. For comparison, the cooling rate due to lithium hydride (LiH), the third most abundant molecule in primordial gas, is represented by the dotted curve for the low-density case. The LiH abundance is assumed to be x LiH = 10 −13 x H 2 . In spite of the much larger dipole moment (µ LiH = 5.9 debye), the LiH cooling is less efficient because of its much smaller abundance. 46) Indeed, no other primordial molecule plays a significant role in the thermal evolution of the primordial gas because none has a sufficiently large fractional abundance. For this reason, we do not consider cooling due to primordial molecules heavier than HD.
In Fig. 1(b) , we show the ratio of the HD cooling rate to the H 2 cooling rate (the Λ HD -to-Λ H 2 ratio) in the density-temperature diagram. The solid curves are the contour lines of the Λ HD -to-Λ H 2 ratio. The HD abundance is set to x HD = 10 −3 x H 2 . In the gray region, HD cooling is more dominant than H 2 . There is a step around n = 10 3 − 10 4 cm −3 , which is due to the fact that HD has a critical density higher than H 2 . (Note that n cr ≈ 10 3 cm −3 and n cr ≈ 10 4 cm −3 for H 2 and HD, respectively. Beyond the critical density, the level population of the rotational transitions reaches from non-LTE to LTE. See Appendix B.)
What is the dominant reaction for forming HD?
In addition to transition probability, fractional abundance is another important factor determining the efficiency of HD cooling. In this subsection, we derive a conclusion regarding which reaction controls HD formation in primordial gas.
For 48) where the first column lists the reaction number given in our previous paper 25) and the third column lists the reaction rates in cm 3 s −1 . The first five reactions are those of HD formation, while the last two are those of HD destruction. The HD abundance is determined by the balance between the formation and destruction processes. Here, we do not consider radiative effects such as photoionization and photodissociation for simplicity.
In Fig. 2 , we show the time evolution of the HD formation rates for two different models of collapsing primordial filaments as functions of the central density: (a) the H 2 -controlled contraction model, with a small initial H 2 abundance (and thus a high cloud temperature) and (b) the HD-controlled contraction model, with a large initial H 2 abundance (and thus a low cloud temperature). For both models, the number fraction of D is set to 4 × 10 −5 . (We give details of the models in the next section.) For both models, the central density monotonically increases with time, and therefore the abscissa corresponds to the evolution time. For comparison, we show the time evolution of the temperature and fractional abundances of D, D + , D − , HD and HD + in the center. We also plot the HD destruction rates for the reactions (D8) and (D9) with dashed curves. In both cases, the reaction (D7) is and lower panels, respectively. In the upper panels, the solid curve denotes the evolution of the central temperature. In the middle panels, the solid curves represent the H 2 and HD fractional abundances, while the dashed curves represent D and D + . In the lower panels, the symbol attached to each curve denotes the number of the reaction listed in Table I . In the lower panels, the solid curves correspond to the formation processes, while the dashed curves correspond to the destruction processes.
most efficient in the low-density phase. This reaction is also the major source of HD in diffuse interstellar clouds in our galaxy. 49) This is consistent with the molecular formation calculations in the expanding universe. 42) (Note that the densities adopted in those calculations are much lower than those of the collapsing clouds.) For the H 2 -controlled contraction model, the reaction (D5) becomes most dominant when the density reaches 2 × 10 4 cm −3 . Thereafter, the reaction rate of D5 almost balances with that of D8. As a result, the HD abundance is almost proportional to the H 2 abundance: 
and n 10 8 cm −3 , and the HD abundance saturates for higher initial x H 2 .] Comparing the reaction rates of (D5) and (D7), we find a critical temperature beyond which the reaction (D5) becomes more effective than (D7),
Because the temperatures of the primordial filaments are lower than T ∼ 10 3 K, the reaction (D7) is important only when the D + abundance is very small. In our simulations, such a condition is realized for a high-density gas, where D + recombines with an electron (see Fig. 2 ). Bromm, Coppi and Larson 50) incorporated an HD formation process into their three-dimensional simulations in which only the reaction (D7) is considered for this formation. Therefore, their calculations may underestimate the HD abundance and, therefore, the HD cooling rate for a high-density gas. For the evolution of collapsing primordial clouds, both reactions (D5) and (D7) should be included.
Threshold H 2 abundance: x H 2 ,cr
Because both (D5) and (D7) reaction rates are proportional to the abundance of H 2 , the resultant HD abundance is expected to be proportional to the H 2 abundance. In fact, the HD abundance is found to be roughly proportional to that of H 2 in our calculations (x HD ∼ 10 −2 − 10 −4 x H 2 ), although the proportionality is not always perfect (see . This characteristic allows us to use the H 2 abundance as a measure of the HD cooling efficiency.
In Fig. 3 , we compare the H 2 cooling rate and the HD cooling rate in a density-H 2 abundance diagram. To evaluate the cooling rates, the gas temperatures were obtained by a numerical iteration (the bisection method) with the condition t cool = t ff , where t cool is the cooling time and t ff is the free-fall time. The computed temperatures are represented by the dashed contour lines. The dotted contour lines indicate the ratio of Λ HD to Λ H 2 . The HD abundance is assumed to be x HD = 10 −4 x H 2 , which is nearly equal to the lower limit of the HD abundance. The contribution of HD cooling to the total cooling rate takes its maximum at a value n ∼ 10 4 cm −3 , which is comparable to the critical density of HD, beyond which the level population reaches the LTE. This figure indicates that there is a threshold H 2 abundance of x H 2 ,cr 3 × 10 −3 , beyond which HD cooling dominates H 2 cooling. If the initial H 2 abundance is higher than this threshold, the HD cooling plays a role in the thermal evolution of the cloud because of the lower temperatures. In fact, the evolution of the low-density filaments bifurcates at this threshold H 2 abundance (see the next section). As shown in § §3 and 4, this characteristic is important to obtain an estimate of the typical masses of the first generation stars.
As shown in the next section, the H 2 abundance in a collapsing filament remains almost constant before the three-body H 2 formation becomes efficient at 10 8 − 10 9 cm −3 . Therefore, if the evolutionary path of such a cloud is superimposed in Fig. 3 , then it is almost parallel to the abscissa. For low-density filaments with n 10 5 cm −3 and x H 2 x H 2 ,cr , the evolutionary path enters into the region in which Λ HD > Λ H 2 in the course of contraction, even if the initial state is in the region in which Λ H 2 > Λ HD . In the actual evolution, the pressure force retards the contraction of the filament significantly, and the contraction becomes quasi-static when the density exceeds the HD critical density, n HD,cr ∼ 10 4−5 cm −3 . During the subsequent contraction, the cloud temperature remains below 100 K, and consequently HD cooling continues to control the contraction until the cloud becomes opaque to HD lines [see Figs. 2(b) and 5]. For the low-density filaments with n 10 5 cm −3 and x H 2 x H 2 ,cr , the evolutionary path never enters into the gray region, in which Λ HD > Λ H 2 , and H 2 cooling continues to control the cloud contraction [see Figs. 2(a) and 4]. On the other hand, for the high-density filaments with n c,0 10 5 cm −3 and x H 2 ,0 x H 2 ,cr , the evolutionary path enters the region in which Λ HD < Λ H 2 even if Λ HD > Λ H 2 in the initial state (see Fig. 6 ). Therefore, HD cooling does not control the contraction of the high-density filaments. §3. Collapse and fragmentation of primordial filaments
In §2, we showed that there is a threshold H 2 abundance of x H 2 ,cr 3 × 10 −3 , at which the evolution of low-density filaments bifurcates. As shown in previous papers, 24), 25) there is also a threshold density of 10 5 cm −3 , beyond which the threebody H 2 formation accelerates the cloud contraction. Based on these two thresholds, we classified collapse and fragmentation of the primordial filaments into three types: (1) H 2 -controlled contraction of low-density filaments with low H 2 fraction (n 10 5 cm −3 and x H 2 3 × 10 −3 , see §3.2), (2) HD-controlled contraction of low-density filaments with high H 2 fraction (n 10 5 cm −3 and x H 2 3 × 10 −3 , see §3.3), (3) opacity-regulated contraction of high-density filaments (n 10 5 cm −3 , H 2 -controlled contraction, see §3.4). In the previous papers, we focused mainly on the evolution of the physical quantities at the cloud center as their representative values. In the following, we give the radial distributions of physical quantities for the above three different types and discuss the evolution of the cloud structure. First, we briefly review our numerical model and methods, and then we present the time evolution of the cloud structures.
Model of filamentary clouds and numerical methods
Our numerical model and method are the same as those used in our previous studies. 24), 25) In this subsection, we briefly review our numerical model and methods. For details, see §2 of Refs. 24) and 25).
Recent numerical simulations have shown that filamentary clouds continue to collapse in the radial direction through H 2 cooling. We thus approximate such a filamentary cloud as an infinitely long cylindrical gas cloud that is collapsing in the radial direction. We assume that the cloud maintains axisymmetry during the contraction and that the primordial gas consists of e, H, H + , H − , H 2 , H 98) We computed the non-equilibrium chemical reactions listed in Refs. 24) and 25). For the models considered in this paper, we used the updated reaction rates of three-body molecular hydrogen formation 52) [k = 1.3 × 10 −32 (T /300 K) −1 cm 6 s −1 ] and D reactions. 53) The initial temperature (T 0 ) and fractional abundances of all the species are assumed to be spatially constant for simplicity. The initial density distribution in the radial direction is assumed to be
where R 0 is the effective cloud radius, n c,0 is the central density, k is the Boltzman constant, G is the gravitational constant, and µ is a mean molecular weight. The parameter f is the cloud line mass normalized with respect to the equilibrium value. When f = 1, the density distribution coincides with that of an isothermal filament (see Appendix A). The radial infall velocity is given by
where v 0 is a constant set to the initial sound speed, which is spatially constant under the assumption of a uniform temperature at the initial state. This velocity profile has a form similar to a self-similar solution for a collapsing filament. 23) This model is specified by four parameters. In Table II , we summarize the initial parameter values of the models considered in this section. We consider the following thermal processes: (1) H cooling through radiative recombination, collisional ionization and collisional excitation, (2) H 2 line cooling through rotational and vibrational transitions, (3) cooling through H 2 collisional dissociation, (4) heating through H 2 formation, and (5) HD line cooling through rotational transitions. For H 2 and HD line cooling, we solve statistical equilibrium equations to determine the level populations and then obtain the total cooling rates by summing up the contributions of all the transitions. For each transition line, we employ the escape probability method to take into account the effect of the radiative transfer of the emission lines. We ignore the effects of dark matter because after virialization of the parent system, the local density of the baryonic gas is likely to be higher than the density of background dark matter owing to the radiative cooling. 62) We numerically solved axisymmetric hydrodynamic equations with a TVD code in which the locally-linearized Riemann problem is exactly solved to compute the numerical fluxes. We used the LSODAR package to solve the time-dependent chemical reaction equations.
Model A: H 2 -controlled contraction (a low-density filament with a low H 2 abundance)
In this subsection, we study the evolution of the H 2 -controlled contraction model. Here, the initial H 2 abundance is set to x H 2 = 1 × 10 −4 , which is 30 times lower than that of the threshold x H 2 . The initial density is set to 10 2 cm −3 which is about 1000 times smaller than the threshold density. Thus, the H 2 cooling controls the cloud evolution. According to the numerical studies of the very first collapsed objects based on the CDM models, this level of the H 2 abundance can be realized in the virialized first collapsed objects with masses of 10 5 −10 8 M due to residual electrons from the recombination era. Therefore, we expect that this model is applicable to primordial filaments formed from the very first collapsed objects. Figure 4 shows the time evolution of the density, temperature, radial velocity, and H 2 and HD fractional abundance distributions. Because the gravitational force is greater than the pressure force in the initial state, the cloud contraction proceeds dynamically in the early phase. When the central density reaches the critical density of H 2 rotational transitions (10 3 − 10 4 cm −3 ), a shock wave arises around a radius of 0.5 pc. This shock wave separates the cloud into two parts which are in different dynamical states: a dense spindle and a diffuse envelope. In the spindle, the pressure force almost balances with the gravitational force, whereas in the diffuse envelope, the gravitational force is still dominant. During the contraction, the temperature of the spindle remains more or less constant at T ∼ 300−500 K over ten orders of magnitude in density until the cloud becomes optically thick to H 2 lines at n 10 11 −10 12 cm −3 .
Although the contraction timescale of the spindle is much longer than the free-fall timescale at the center, it is much shorter than the free-fall timescale of a diffuse envelope. Thus, the spindle continues its radial contraction almost independently of the diffuse envelope. When the density reaches 10 8 − 10 9 cm −3 , H 2 formation (and therefore H 2 cooling) becomes efficient owing to three-body reactions. The resulting enhanced cooling allows the gas temperature to decrease to T ∼ 200 K at the center and then HD cooling becomes comparable to H 2 cooling temporarily. As a result, the radial collapse is reaccelerated. When the H 2 lines become opaque at the density n ∼ 10 11 − 10 12 cm −3 , the pressure force again overwhelms the gravitational force at the center, resulting in the formation of the second shock at r ∼ 2 × 10 −4 pc. The density distribution in the spindle then approaches that of an equilibrium isothermal filament (ρ ∝ r −4 ). During the nearly isothermal contraction phase, the density profile of the spindle exhibits approximate power-law behavior with ρ ∝ r −2 , which is similar to that of a hydrostatic filament with a negative polytrope with γ ≈ 1 (see Appendix A). This seems to be inconsistent with the numerical calculations for spherical primordial clouds, in which the cloud contraction is well reproduced using a polytropic sphere with γ 1.1. 28) This apparent discrepancy results from the difference in the dynamical stability between the sphere and filament. As shown in Appendix A, a filamentary cloud is stable to dynamical contraction for γ > 1, while a spherical cloud is stable for γ > 4/3. Therefore, under primordial conditions, in which the effective value of γ is close to unity, the filament is marginally stable to dynamic collapse and therefore contracts quasi-statically. On the other hand, the sphere is unstable to dynamic collapse. (The condition γ = 1.1 is realized when there is a balance between the free-fall time and the cooling time.) It is worth noting that the density distribution of the filament with a negative polytrope with γ ≈ 1 is remarkably different from that of an exactly isothermal filament with γ = 1 which has a density distribution satisfying ρ ∝ r −4 . See Appendix A in more details.
Because the primordial filament contracts almost quasi-statically after the first shock formation, it should break up into denser cores in the presence of density fluctuations. In fact, two-dimensional numerical simulations show that the filament fragments into denser clumps whose typical masses are 10 2 − 10 3 M .
Model B: HD-controlled contraction (a low-density filament with a high H 2 abundance)
In this subsection, we study the evolution of the HD-controlled contraction model. Here, the initial H 2 abundance is set to the threshold H 2 abundance of 3 × 10 −3 . The initial density is set to 10 2 cm −3 , which is about 1000 times smaller than the threshold density. The evolution of the model so specified is controlled by HD cooling. As presented below, the cloud structure and evolution seen in this case are significantly different from those of the H 2 -controlled contraction model. As discussed in the next section, such a high H 2 abundance is likely to be realized in dense gas shells compressed by strong shocks due to supernovae or in photoionized clouds, where H 2 formation is promoted by the increased concentration of free electrons via the H − reaction. Figure 5 shows the time evolution of the density, temperature, radial velocity, and H 2 and HD fractional abundance distributions. In the very early phase, the gas temperature remains around 100 − 200 K, in which range H 2 cooling is more efficient than HD cooling. (See also Figs. 2 and 3 , which indicate that the initial condition is in the region in which Λ HD /Λ H 2 < 1 of Fig. 3 . The equilibrium temperature is a few times smaller than that of the model in the previous subsection owing to the larger initial H 2 abundance.) When the central density reaches 10 3 − 10 4 
(1) cm −3 , HD cooling comes to dominate H 2 cooling, and therefore the temperature decreases rapidly to T ∼ 70 − 80 K, which is almost 5 times smaller than that in the H 2 -controlled contraction model. Because of the rapid reduction of the pressure support, the contraction proceeds violently. In a manner similar to that in the H 2 -controlled contraction model, the cloud structure separates into two parts in different dynamical states: a dense spindle and a diffuse envelope. In the spindle, the pressure force balances with the gravitational force and the subsequent contraction proceeds quasi-statically. Contrastingly, the diffuse envelope gas collapses in a free-fall time toward the central spindle. Thus, a strong shock wave is formed at the boundary between the spindle and the diffuse envelope at r ∼ 0.1 pc. Behind the shock front, the temperature rapidly increases to 200 − 300 K due to the strong compression, and thus the HD molecules are destroyed there. In this region, H 2 cooling becomes dominant again. When the density reaches 10 8 − 10 9 cm −3 , the three-body H 2 formation becomes efficient. However, because the HD abundance already almost reached its maximum at 4×10 −5 , the contraction is not accelerated by the three-body H 2 formation. Instead, the HD cooling rate is slightly enhanced by the increased temperature (T ∼ 100 K) due to the mass accretion and the compression by the warmer layer. However, this effect is not particularly important in the acceleration of the cloud contraction. The cloud almost settles into a quasi-static equilibrium state before the optically thick phase is reached. In this quasi-static phase, the effective value of γ becomes slightly larger than unity, and thus the density profile is approximated by that of the hydrostatic isothermal filament (ρ ∝ r −4 ). As in the case of the H 2 -controlled contraction model, the quasi-statically collapsing spindle should break up into denser cores in the presence of density fluctuations. One of the most important differences between the two cases is that the equilibrium temperature in the HD-controlled contraction model is an order of magnitude smaller than that in the H 2 -controlled contraction model. The cloud density at the fragmentation is also an order of magnitude larger due to the higher critical density of HD. Resultantly, the fragment masses are reduced to ∼ 10 M .
Model C: Opacity-regulated contraction (a high-density filament)
In this subsection, we study the evolution of opacity-regulated contraction. Here, the initial density and H 2 abundance are set to 10 6 cm −3 and 3 × 10 −3 , respectively. Because of the high density, the cloud contraction is regulated by H 2 cooling even if the initial H 2 abundance is equal to the threshold (see Fig. 3 ). High-density filaments can be formed by fragmentation of the highly condensed first objects due to the low spin parameters or re-fragmentation of parent clouds. 24) Figure 6 shows the time evolution of the density, temperature, radial velocity, and H 2 and HD fractional abundance distributions. In the initial state, the gravitational force is larger than the pressure force. Therefore, the initial collapse proceeds dynamically. Because the initial density exceeds the critical densities of H 2 and HD, the gas temperature increases with contraction. This contraction is regulated mainly by the H 2 cooling due to the high temperature. In the early phase, the contraction is decelerated by the dominant pressure support, and thus, in the same manner as in the other two models, a shock wave is generated at r ∼ 10 −2 pc, which separates the cloud into two parts: a dense spindle and its envelope. Because the three-body H 2 formation becomes dominant immediately, the contraction is accelerated after the first shock formation. As a result, the contraction proceeds almost dynamically until the cloud becomes opaque to H 2 lines at n ∼ 10 12 cm −3 . After that, the radial contraction almost stops, resulting in the formation of a second shock at r ∼ 5 × 10 −5 pc.
As in the H 2 -controlled contraction model, in the outer region of the spindle, the density profile is well approximated by a power-law profile ρ ∝ r −2 before the central region becomes opaque to the H 2 lines. After the central region becomes opaque to the H 2 lines, the effective value of γ becomes slightly larger than unity and then the density profile obeys a power law ρ ∝ r −4 . 
(5) (4) The high-density filaments fragment into dense clumps when the central region becomes opaque to H 2 lines. In this case, the fragment masses take the minimum at 1 − 2 M if the most unstable linear fluctuation grows nonlinearly. According to the linear theory of the fragmentation of filaments, the longitudinal wavelength of the most unstable linear fluctuation is about twice the critical wavelength beyond which the cloud is unstable to gravitational fragmentation. Therefore, it is possible for the cloud to break up into cores with masses as small as 0.5 −1 M if perturbations with the critical wavelength grow nonlinearly.
Fragmentation of filamentary clouds and the dependence of the fragment masses on the initial parameters
In a previous paper, 24) we followed the collapse and fragmentation of filamentary clouds with power-law density fluctuations by means of two-dimensional hydrodynamic simulations. In those simulations, we included only the effect of H 2 cooling. We summarized the dependence of the fragment masses on the initial model parameters in Figs. 6 and 7 of that paper. In a subsequent paper, where HD cooling was included, comparing one-dimensional and two-dimensional numerical results, we found that fragmentation takes place when the radial contraction time reaches 2 − 3 times the fragmentation time, which is defined as the inverse of the growth rate of the most unstable linear perturbation. (Note that the coefficient depends on the initial amplitude and the power-law index of the density fluctuations.) We then derived the distribution of the fragment masses with the one-dimensional numerical results, under the assumption that fragmentation takes place at the stage when t dyn = 2.5t frag , and the fragment mass is the mass contained within a wavelength of the most unstable perturbation. In this section, we briefly summarize the characteristics of fragmentation and the dependence of the fragment masses on the initial model parameters. Figure 7 shows the mass distributions of the fragment derived from the onedimensional simulations as functions of the initial cloud density and the parameter f . Figure 7 The fragment mass depends on the initial model parameters. For larger f and/or higher initial density, the fragment mass is lower. The maximum mass in the lowdensity part is estimated as 10 3 M and 10M for the low x H 2 and high x H 2 clouds, respectively. The minimum mass is 1 − 2 M for both cases. There is a steep step in the fragment mass distribution near n 0 ∼ 10 5 −10 6 cm −3 and f 3. This results from the rapid increase in the H 2 abundance due to the three-body H 2 formation, which accelerates the radial contraction and thus prevent fragmentation until the cloud becomes opaque to H 2 lines. The derived fragment masses are in good agreement with the two-dimensional numerical results [compare Fig. 6 of Ref . 24) and Fig. 7(a) ]. As expected from the one-dimensional numerical results, the fragmentation (and the fragment masses) can be classified into three types, according to two thresholds: (1) the initial H 2 abundance, beyond which HD cooling plays a key role in the thermal evolution of the filaments, and (2) the initial density, below which the filament can fragment at the critical density of H 2 or HD. As discussed in the next section, these two thresholds should be determined by the surrounding intergalactic environment. In particular, for low-density filaments (n 10 5 cm −3 ), the fragment mass bifurcates at the threshold H 2 abundance 3 × 10 −3 . For low-density filaments with low initial H 2 abundances (H 2 -controlled contraction), the fragment masses are in the range 10 3 − 10 2 M . The upper mass corresponds to the Jeans mass at the critical density of H 2 . This fragment mass is in good agreement with the recent three-dimensional cosmological simulations. 16), 17) On the other hand, for low-density filaments with high H 2 abundances (HD-controlled contraction), the fragmentation is controlled by HD cooling, whose critical density and transition temperature of the ground state are about 10 and 0.2 times those of H 2 , respectively. Thus, the resultant fragment masses are reduced to 10 − 40 M . For high-density filaments (opacity-regulated contraction), the fragment mass takes its minimum at 1 − 2 M , irrespectively of the initial H 2 abundance because almost all the hydrogen atoms are processed into H 2 molecules owing to the three-body reactions. The cloud evolution is regulated mainly by H 2 cooling owing to the relatively high temperatures. This minimum mass corresponds to the Jeans mass at the stage when the cloud becomes opaque to H 2 lines. This minimum mass is in good agreement with the analytic estimate, 18), 30) although our estimate is 2 − 4 times larger. We note that the larger minimum mass is also related to the fact that we used the wavelength of the fastest growing linear density perturbation, which is about twice the critical wavelength below which the cloud becomes stable to gravitational fragmentation. In other words, it is possible for the cloud to break up into cores with masses greater than 0.5 − 1 M , although the majority of the fragments are likely to have masses of 1 − 2 M . In the next section, we use these results to discuss the initial mass function of the first generation stars. According to the two-dimensional simulations, the fragments elongate along the major axis of the parent filament in the early stages of fragmentation. As the collapse proceeds, the fragments become more and more round, suggesting that the fragments become nearly spherical during the subsequent contraction. For the fragments formed by the fragmentation of the low-density filaments, the density profile tends to approach a power-law profile ρ ∝ r −2 . The infall velocity is proportional to the distance from the density maximum near the center of the fragment and approaches a constant at the low-density envelope, which indicates that the contraction proceeds self-similarly. We expect that the subsequent contraction can be approximated well by the Larson-Penston spherical self-similar solution when the density fluctuations grow nonlinearly before the three-body H 2 formation becomes dominant for n ∼ 10 8 − 10 9 cm −3 . This behavior is consistent with the results of one-dimensional spherical simulations. 28) For a fragment whose density contrast is not so large at the stage at which n ∼ 10 4 cm −3 (the critical density of H 2 ), the smaller-scale density fluctuations can sometimes grow inside each fragment at the late stages of evolution, and thus a hierarchical structure can be formed.
For low-density filaments with high H 2 abundances, Uehara and Inutsuka 47) estimated a minimum fragment mass at about 0.04 M at the stage opaque to HD lines (see Fig. 2 of their paper). Our results are inconsistent with theirs. There are some factors that cause this discrepancy. First, in their model, the cloud becomes optically thick to HD lines when the density reaches ≈ 3 × 10 10 cm −3 , which is about 30 times higher than the value we obtained. If we make an estimation of the optical depths based on the LVG approximation, the result agrees well with our evaluation. Therefore, we conclude that the Jeans mass at the optically thick stage should be around 1 M even if HD cooling is dominant (see §3.2 of Nakamura and Umemura 25) in more detail). Second, our definition of the fragment mass is different from theirs. We employed the mass contained within one wavelength of the fastestgrowing linear perturbation which is consistent with our two-dimensional numerical results, while Uehara and Inutsuka employed the spherical Jeans mass, which is about ten times smaller than our definition at the same density and temperature. As a result, their estimation of the fragment mass is by about two orders of magnitude smaller than our estimate if we assume the cloud to fragment at the stage optically thick to the HD lines. In practice, as shown in the previous section, the low-density clouds should break up into fragments with masses of ∼ 10 M in the presence of density perturbations because the radial contraction proceeds quasi-statically when the density reaches the critical density of HD. (The contraction timescale becomes more than 10 times longer than the fragmentation timescale in the optically thick phase.) §4. Implications for the IMF of first generation stars As shown above, there are two thresholds to determine the fragment masses: the initial density and the initial H 2 abundance. The initial density of the filaments should be related to the physical properties of a parent cloud such as the initial cloud mass, collapse redshift, and spin parameter. The initial H 2 abundance of the filaments can be translated to the ionization degree of the parent cloud because of the dominant formation mechanism. When the initial ionization degree is higher, H 2 molecules form more efficiently via the gas-phase reactions H + e → H − + hν and H+H − → H 2 +e unless the photo-dissociation and photo-ionization processes are not important. [For high-density gas, the H 2 formation rate (∝ n 2 ) can overwhelm its photo-dissociation and ionization rates (∝ n). 79), 80) ] Therefore, the higher initial H 2 abundance corresponds to a higher initial ionization degree of the parent cloud, which is likely to be determined by intergalactic environments such as UV radiation and strong shocks that can ionize the gas. This implies that the fragmentation process depends strongly upon the intergalactic environment. In the following, we attempt to apply our numerical results to star formation in very metal-poor environments. Here, we assume that the stellar masses are almost equal to the fragment masses. Recent studies show that this assumption is reasonable for star formation in a metalfree gas. 55), 56)
Implications for the IMF of the very first generation stars
The first pregalactic objects should have collapsed at redshifts of z ∼ 10−10 2 and had masses of 10 5 − 10 8 M in a cold dark matter cosmology. 63), 64) When the first objects are virialized and the gas temperature increases to 10 3 − 10 4 K, H 2 formation is promoted and the fractional abundance is raised to x H 2 = 10 −4 − 10 −3 . For this H 2 abundance, H 2 cooling cannot lower the temperature down to 100 K. Therefore, the cloud evolution is basically controlled by H 2 cooling. 25) (However, HD cooling slightly decreases the gas temperature and therefore the evaluated fragment masses would be sometimes a few times smaller than those without HD cooling. Therefore, HD cooling is important in the evaluation of accurate fragment masses.)
If more massive pregalactic objects (M 10 9 M ) collapse at high redshifts, the gas is highly ionized in the virialization epoch by strong shock compression. Hence, the H 2 abundances may exceed the critical value. 47) However, CDM models claim that such massive objects collapse preferentially at lower redshifts at which the universe would be already reionized and therefore the intergalactic environment would be significantly changed. Massive objects would be rare at high redshifts of z 10, and would not contribute to the formation of the very first stars. Furthermore, if such clouds collapse at redshifts of z 20, their temperatures would be regulated by the CMB temperature. (Such first stars, if formed, is expected to be deficient in sub-solar mass stars because the minimum mass is on the order of 1 M . Therefore, the primordial brown dwarfs would not be formed. 25) )
If the primordial D abundance is a few times higher than the value we assumed in this paper (x D = 4×10 −5 ), HD cooling may play a role in the thermal evolution of the pregalactic clouds, although recent observations of quasar absorption spectra have suggested that the observed primordial D abundance is as low as 3 − 4 × 10 −5 . 91), 98) Inhomogeneous big bang nucleosynthesis might cause the primordial D abundance to be higher in some clouds. In such a case, HD could play a key role in the formation of the very first stars.
In summary, HD cooling does not play a significant role in the formation of the very first stars. Th IMF of the very first stars is predicted to be deficient in sub-solar mass stars and to be bimodal with peaks at 1 − 2 M and ≈ 10 2 M . Bimodality of the IMF results from the efficient three-body H 2 formation, which accelerates the radial contraction and thus prevents fragmentation until the cloud becomes optically thick to H 2 lines at n ≈ 10 12 cm −3 . If a significant fraction of the first stars with masses between a few and 8 M were formed from the low mass part of the IMF, they might have evolved into white dwarfs by the present epoch. 60) Old white dwarfs might presently reside in the galactic halo and may be related to the dark component observed in microlensing experiments, i.e., MACHOs. 75), 76) If the star formation efficiency is of the same order of the present-day value, then the ancient white dwarfs are likely to contribute a few percent to the total dark mass in the galactic halo, which is consistent with some constraints discussed by several authors. The metal pollution contributed by the white dwarfs might be also observable in the abundance patterns of metal-poor stars. 59) Recent three-dimensional cosmological simulations claimed that it is hard for the first collapsed objects to fragment into smaller clumps with 1 −2 M because of the lack of a small-scale cosmological density perturbation. If all the very first stars were formed directly out of the cosmological density perturbations, this scenario would be reasonable. However, after the virialization of the first collapsed objects, there are many chances for smaller-scale density fluctuations to be generated in the star-forming cores. For example, once the densest first collapsed core evolves into a massive star, it emits significant UV radiation. This should affect the subsequent evolution of other dense cores because the lifetime of a massive star is comparable to, or shorter than, that of the contraction time of the other cores. UV radiation can promote H 2 formation in the high-density regions due to the H − process, or make the clouds thermally unstable, which introduces very small scale fluctuations. (It should be mentioned that the recent three-dimensional simulations followed only the evolution of the densest core in an isolated region.) Thus, we believe that small-scale density fluctuations can generate at the formation epoch of the very first generation stars and, therefore, that low-mass first stars can be formed at the same epoch.
Furthermore, if a cloud fragments after collapse over many orders of magnitude on a linear scale, the fragmentation is difficult to study with numerical methods, because it requires high spatial resolution even in the initial stage. For instance, the three-dimensional adaptive mesh refinement (AMR) technique and Lagrangian hydrodynamic schemes, such as SPH, do not provide, in the initial stage, appropriate fine-scale perturbations comparable to the Jeans length of the final densest cores. Consider an isothermal spherical contraction with a mass M and an initial radius R 0 . As the collapse proceeds, the Jeans length decreases in proportion to λ J ∝ ρ −1/2 ∝ R 3/2 , whereas the shortest wavelength of the perturbation (λ min ) decreases in proportion to R, where R is the cloud radius at a certain stage of contraction. Therefore, the Jeans length becomes smaller than the shortest wavelength when the cloud radius R becomes (λ J,0 /λ min,0 ) 2 times shorter than the initial radius, where the subscript 0 denotes the quantities in the initial stage. The situation is more severe when the cloud collapses preferentially along a certain direction (cylindrical or disk collapse), which is common during the structure formation in the early universe. When a cylindrical cloud collapses along the minor axis, the ratio of λ J to λ min decreases with R. (λ J ∝ R and λ min = const, where λ min is the shortest wavelength of the perturbation along the major axis.) Thus, it does not seem easy with the current three-dimensional numerical hydrodynamic codes to investigate the fragmentation processes of self-gravitating clouds whose length scales shrink over many orders of magnitude.
Recent observations of abundance patterns in extremely metal-deficient stars suggest that the stellar masses contributing to metal pollution are on the order of 10 M , 94) implying that very massive stars with 10 2 M should not contribute to the first metal enrichment in our galaxy. (Recent observations show that the abundance patterns of halo stars are different for [Fe/H] < −2, in which the Co/Fe and Zn/Fe ratios increase significantly for lower metallicity, whereas the Mn/Fe and Cr/Fe ratios decrease. It seems very difficult to explain this observed trend with the stellar nucleosynthesis of very massive stars that evolve into pair-instability supernovae; 36), 37), 84) e.g., in such stars, the Co/Fe and Zn/Fe ratios are even smaller than their solar values.) If most of the very first stars are very massive, they should collapse into black holes without significant explosions. Those moderately massive black holes might coagulate into a supermassive black hole, evolving into primordial active galactic nuclei (AGNs). 20) Recently, an extremely metal-deficient low-mass star with Z ∼ 5 × 10 −6 and M ∼ 0.8 M was discovered in our Galactic Halo. 27) This discovery signifies that low-mass first stars with M 1 M can indeed form out of primordial metal-free gas because the thermal properties of extremely metal-poor gas with Z < 10 −4 Z are essentially the same as those of metal-free gas. 51), 92) Low-mass stars with M 1 M could result from the low-mass end of the bimodal IMF. To evaluate the fragment masses discussed in the previous section, we used the wavelength of the fastest growing linear density perturbation, which is about twice the critical wavelength below which the cloud becomes stable to gravitational fragmentation. In other words, the linear theory of fragmentation of filamentary clouds indicates that the cloud can break up into cores due to perturbations with wavelengths larger than the critical wavelength. If the filaments fragment into cores by the perturbations with the critical wavelength, then the fragment masses are estimated as 0.5 − 1 M . Thus, the first stars with masses smaller than 1M can be formed by gravitational fragmentation of the primordial filaments, although the majority of the low-mass first stars would have masses greater than 1 − 2 M .
Implications for galaxy formation
In the previous subsection, we discussed that the HD cooling seems not to play a key role in star formation in the very first collapsed objects whose H 2 abundances are lower than the threshold. However, in some situations, the H 2 abundance can be raised further. For example, in dense shells formed behind supernova shocks, H 2 molecules form efficiently owing to the reduced recombination of free electrons. 19), 54) In dense shells, the H 2 abundance reaches 6×10 −3 , and consequently the gas temperature decreases to ∼ 100 K. At such low temperatures, HD cooling is more efficient than H 2 cooling.
Another possibility is star formation from photoionized gas. Recently, Susa and Umemura investigated the pancake collapse of pregalactic clouds under UV background radiation. 19), 58) They found that once a pancaking disk is shielded against external UV radiation in the course of contraction, H 2 molecules form efficiently via the H − reaction with abundant free electrons produced by the UV background radiation, and the resultant abundance reaches the threshold H 2 abundance of x H 2 ≈ 3 × 10 −3 . Such pancake disks probably fragment into filaments due to gravitational instability. In this case, the HD cooling controls the cloud fragmentation, and in this case, the high-mass peak of the IMF would decrease to ∼ 10 M .
It has been found that at redshifts of z ∼ 2, the UV background radiation decreases with time. 81), 82), 86) The time-decreasing UV background radiation is also likely to influence star formation in galaxies, especially dwarf galaxies with low surface densities, which may be related to the excess number count of faint blue objects observed in the Hubble Deep Field. 83) Corbelli, Galli and Palla studied the effects of the decreasing UV background radiation on the thermal evolution of protogalaxies with low surface densities. 77) They found that there is a critical redshift of z ∼ 1 − 2, above which the gas disks with surface densities in the range 10 20 cm −2 N HI 10 21 cm −3 are gravitationally stable for T ∼ 10 4 K. Below this redshift, the decreasing UV radiation is shielded by the gas disks where the H 2 abundance reaches 10 −2 owing to high ionization degree due to the UV radiation. The enhanced H 2 formation promotes a rapid transition toward the cold HI phase with ∼ 10 2 K. Thus, in dwarf galaxies, the high-mass peak of the IMF would decrease to ∼ 10 M owing to HD cooling. Based on X-ray observations of a starburst metal-poor galaxy M82, stars with masses above 25 M seem to contribute significantly to the metal enrichment of the galaxy. 36), 37), 97) This mass scale is consistent with the high mass peak of the present IMF regulated by HD cooling.
Our scenario suggests that the stellar IMF in the early universe may be very different from the present-day Salpeter-like IMF. Such time-varying IMFs have been considered by many authors 20), 89), 99) who have mainly discussed that the top-heavy IMF in early epochs of galaxy formation can explain several observational features of galaxies that seem to be inconsistent with a universal IMF. If the high-mass component of the IMF contributes significantly to the early metal enrichment of galaxies, the abundance ratio would be different from that in the interstellar medium around Population I stars. In fact, observations of hot gas in giant ellipticals and clusters of galaxies have shown that the abundance ratios of α elements to iron are larger than those expected from the Salpeter IMF. 100), 102) Such a trend is consistent with the high contribution of massive stars to the metal enrichment in the early epochs. Furthermore, the G-dwarf problem might be responsible for a variable IMF in the early epoch of galaxy formation. 20), 100), 101), 103), 104) If a significant portion of MACHOs consists of ancient white dwarfs, they may result from low-mass components of the bimodal IMF. 75), 76) As star formation proceeds, the metallicity of the interstellar gas will monotonically increase with time. When the metallicity reaches 10 −3 − 10 −2 Z , metal cooling becomes important and the thermal properties of the gas are changed. 61), 90) Thereafter, the process of star formation would become similar to that of the presentday star formation. In other words, the IMF would settle into a Salpeter-like IMF. distribution is derived as
where the characteristic radius R 0 is given by
In this paper, we used a density distribution similar to the above profile as an initial model of the primordial filament. It is worth noting that the asymptotic density profile of a negative polytrope filament with γ → 1 follows ρ ∝ r −2 , in contrast to that of an isothermal filament (for which ρ ∝ r −4 ). Figure 8 shows the density distributions of filamentary clouds with a finite central density for several different values of γ. They were numerically computed using the Runge-Kutta method by integrating Eqs. (A . 2) and (A . 3) from the origin. At the origin, we used the Tayler expansion of those equations to specify the initial values. The density distributions of the negative polytrope filaments can be approximated well by those of a singular filament for the outer envelope. For quasi-statically collapsing filaments, the gas temperature is nearly constant but it has negative gradients. The resultant density distribution can be reproduced by that of the negative polytrope filament. As shown in §3, the density distributions of the primordial filaments are reproduced by that of a negative polytrope with γ ≈ 1 before the clouds become optically thick to cooling lines, while they are approximated by that of the isothermal filament [Eq. (A . 5)] in the optically-thick phase.
A.2. Dynamical stability of filamentary clouds
Here, we derive the stability condition for a polytropic filament in hydrostatic equilibrium. For simplicity, we consider a homologous contraction of a polytropic cylinder. (More detailed analyses give the same conclusion. 67) )
Let us consider the homologous contraction of a polytropic cylinder in hydrostatic equilibrium whose line mass shell m has radius r. For homologous contraction, the radius of the cylinder should change in accordance with the relation ∂ ln r/∂t = const, or Therefore, if γ > 1, the pressure force increases more rapidly with the contraction than does the gravity. In other words, a cylinder whose equation of state is stiffer than isothermal (γ > 1) is stable to dynamical contraction. This stability condition is also consistent with the fact that self-similar solutions for dynamically-collapsing filaments exist only for a negative polytrope, γ < 1. 23) (Note that for a spherical cloud, the stability condition is γ > 4/3.)
Appendix B Characteristics of Line Cooling and Fragmentation of Filamentary Clouds
The fragmentation of filamentary clouds is closely related not only to the dynamical stability of filamentary clouds but also to the characteristics of line cooling by H 2 and HD. Here, we discuss the characteristics of line cooling and clarify why the low-density primordial filaments collapse quasi-statically after the density reaches the critical density of H 2 or HD. Consider a simple two-level model for the line transitions. Then, the number density at a level j, n j , is expressed by
where n i and n k are the number densities at a lower level i and a higher level k, n H is the total number density, C ji and C ij are the collisional de-excitation and excitation rates, A ji is the spontaneous transition rate (or Einstein's A coefficient), B ij and B ji are induced transition rates between levels i and j (or Einstein's B coefficients), and J ν is the intensity of the radiation field at frequency ν = ∆E ij /h, where ∆E ij and h are the energy difference between levels i and j and Planck's constant, respectively. In general, the collisional transition rates are functions of temperature. Because we are interested in the dynamical evolution of the cloud and the dynamical timescale is always much larger than those of the line transitions, the left-hand side of the above equation dn j /dt is negligible. Thus, the above differential equation can be reduced to an algebraic equation
Thus, the following recursive formula is derived: .] For later convenience, we now define the critical density at which the collisional de-excitation becomes comparable to the spontaneous emission rate, n cr ≡ A ji /C ji . The radiative cooling rate through a transition j → i is evaluated as
For a low-density gas (n < n cr ), the level population is determined by the balance between the spontaneous emission and the collisional excitation. Thus, n j A ji ≈ n i n H C ij is satisfied. Therefore, the cooling rate is proportional to the square of the density. Accordingly, the cooling timescale (t cool ≡ nkT /Λ) is inversely proportional to the density (t cool ∝ n −1 ). Contrastingly, for a high-density gas (n < n cr ), the level population reaches the Boltzman distribution due to the balance between the collisional de-excitation and excitation. In this case, the cooling rate is proportional to the density, and thus the cooling timescale is independent of the density (t cool ∝ n 0 ). For dynamically-collapsing clouds, the dynamical timescale (t dyn ≡ ρ/ρ) is comparable to the free-fall timescale [t ff ≡ (4πGρ) −1/2 ]. Therefore, the gas temperature is determined by the condition t cool = t ff . For a low-density gas, the equilibrium temperature decreases with density, while for a high-density gas, the temperature increases with density. (In other words, the effective γ is greater than unity for a high-density gas.) Such a dependence can be seen in Fig. 3 . (See the dotted curves which are the contour lines of the equilibrium temperatures for t cool = t ff .) As shown in Appendix A, a cylindrical cloud is stable to dynamical contraction when the equation of state is stiffer than isothermal. Therefore, once the density exceeds the critical density, a cylindrical cloud tends to approach its equilibrium state. The subsequent radial contraction proceeds quasistatically in a cooling timescale that is longer than the free-fall time. For the rotational transitions, the critical densities of H 2 and HD molecules are estimated as n cr,H2 ≈ 10 3 and n cr,HD ≈ 10 4 cm −3 , respectively. As shown in §3, the contraction of the low-density filaments slows down at either density, and then the clouds break into denser cores in the presence of density fluctuations.
